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Neutrinos: Unique Probe of Cosmic Explosions

~10 MeV neutrinos from supernova
thermal: core’s grav. binding energy 
- supernova explosion mechanism
- progenitor
- neutrino properties, new physics 
Super-K can detect ~8,000 n at MeV (at 8.5 kpc)

Super-K

GeV-PeV neutrinos from supernova?
non-thermal: shock dissipation 
- physics of cosmic-ray acceleration
- progenitor & mass-loss mechanism
- neutrino properties, new physics
IceCube/KM3Net can detect ??? n at TeV

IceCube
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Early Diffusive Shock Acceleration in Supernovae?

• CR and high-energy neutrino production is initially negligible
most of energy is in a kinetic form until the Sedov time
uniform ISM: CR energy ∝ dissipation energy ∝ t3

• But situations are different   
when circumstellar material (CSM) exists
many observational evidences in the recent several years

supernova remnant (Cas A)

(Raffaella Margutti’s talk)
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Figure 2. Selected visible-light spectra of SN 2010jl. The number near each
spectrum marks its age in days (see Table 2). The last spectrum taken on day
978 may be contaminated by emission from the underlying star-forming region.
(A color version of this figure is available in the online journal.)
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Figure 3. Temperature and radius of a blackbody that best fits the visible-light
spectroscopic observations as a function of time. Before fitting the spectra, we
corrected the flux normalization by comparing the spectra synthetic photometry
with the PTF R-band magnitudes. We also removed the prominent emission
lines and the Balmer discontinuity. We note that because of additional metal-
line blanketing, this estimate is likely a lower limit on the actual temperature.
The gray line shows the best-fit power law to the temperature measurements
in the first 390 days. The measurements marked by squares were obtained
clearly after the break in the optical light curve and were not used in the fit of
the temperature as a function of time. These late-time measurements may be
contaminated by the host-galaxy light.

(see also Smith et al. 2012). The Hα profile in the spectra
can be decomposed into a Lorentzian and a Gaussian, where
the Gaussian has a velocity width of σ ≈ 300 km s−1.
Alternatively, the early-time spectra can be decomposed into
three Gaussians, in which the widest Gaussian has velocity
width σ ≈ 4000 km s−1. At late times, about six months
after maximum light, the Hα line develops some asymmetry;
it is discussed by Smith et al. (2012) and attributed to dust
formation. We fitted a blackbody spectrum to the spectroscopic
measurements as a function of time, and the derived blackbody
temperatures and radii are shown in Figure 3.

Figure 4. Temperature and radius of a blackbody that best fits the Swift-UVOT
observations as a function of time. Observations made more than 500 days after
maximum light are excluded, as they are significantly affected by the host-
galaxy light and we do not yet have a reference image of the host. The gray line
shows a power law fitted to the temperature data.

2.3. Swift-UVOT

The Ultra-Violet/Optical Telescope (UVOT; Roming et al.
2005) on board the Swift satellite (Gehrels et al. 2004) observed
SN 2010jl on several occasions. The data were reduced using
standard procedures (e.g., Brown et al. 2009). Flux from the
transient was extracted from a 3′′ radius aperture, with a
correction applied to put the photometry on the standard UVOT
system (Poole et al. 2008). The resulting measurements, all
of which have been converted to the AB system, are listed in
Table 1 and are shown in Figure 1. We caution that these results
have not incorporated any contribution from the underlying host
galaxy and may therefore overestimate the SN flux at late times.
Specifically, the UVOT measurements in Figure 1 near 900 days
are heavily contaminated by an underlying star-forming region
in the host galaxy.

We fitted a blackbody spectrum to the UVOT measurements
as a function of time, and the results are shown in Figure 4.
In the fits we corrected the flux measurements for Galactic
extinction, assuming EB−V = 0.027 mag (Schlegel et al.
1998) and RV = 3.08 (Cardelli et al. 1989). We note that
we also tried to fit the blackbody spectrum with EB−V as a
free parameter and verified that the best fit is obtained near
the Schlegel et al. (1998) value for EB−V . The Swift-derived
blackbody temperature shows some indications that it is rising
in the first ∼200 days after maximum light. However, we caution
that deviations from a blackbody caused by spectral lines that
are not dealt with in the broadband observations, as well as
deviations from a blackbody spectrum (see Section 5.2) and
metal-line blanketing, can affect the derived temperature and
radius. Therefore, we argue that the quoted temperatures are
likely only a lower limit on the effective temperatures.

These temperature measurements differ from those obtained
using the spectroscopic observations (Section 2.3). However,
due to metal-line blanketing and given that the spectral peak is
too blue to be probed by visible-light spectra, we consider both
the spectroscopic and UVOT observations to be lower limits
on the temperature. The temperature evolution based on the
visible-light spectra is opposite to that based on the UVOT
observations. However, both evolutions seen in Figures 3 and 4
are very moderate. In Section 5.1 we investigate the effect of
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FIG. 10.— This plot summarizes the key and unique observational features of SN 2014C over the electromagnetic spectrum. Central Panel: X-ray (red stars)
and radio (7.1 GHz, blue stars) evolution of SN 2014C compared to a sample of Ibc SNe from Margutti et al. (2014b) and Soderberg et al. (2010). SN 2014C
shows an uncommon, steady increase in X-ray and radio luminosities until late times, a signature of the continued shock interaction with very dense material
in the environment. Upper panels: The optical bolometric luminosity of SN 2014C is well explained at early times by a model where the source of energy is
purely provided by the radioactive decay of 56Ni (grey thick line, top left panel). However, at later times (top right panel) SN 2014C shows a significantly flatter
temporal decay, due to the contribution of more efficient conversion of shock kinetic energy into radiation. This evolution is accompanied by a marked increase
of H↵ emission (Lower Panels), as a consequence of the SN shock interaction with H-rich material. See M15 and K15 for details about the spectroscopical
metamorphosis and the radio evolution, respectively.

Evidence of Strong Interactions w. Dense CSM

Margutti et al. 16SN 2014C (Ib->IIn)SN 2010jl (IIn)

examples of strong interactions w. dense wind or CSM (IIn, SLSN-II) 

Ofek+14 ApJ

The Astrophysical Journal, 797:118 (40pp), 2014 December 20 Fransson et al.
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Figure 5. Blackbody temperature, radius, and luminosity for the dust component
and radius and effective temperature for the SN component for the epochs in
Figure 4.
(A color version of this figure is available in the online journal.)

At epochs earlier than ∼400 days, the dust temperature
is constant within errors at ∼1850 ± 200 K and then slowly
decays to ∼1400 K at 850 days. The blackbody radius is
∼(1–2) × 1016 cm for the first ∼300 days and then slowly
increases to ∼3 × 1016 cm at the last observation. The dust
luminosities we obtain for the first epochs are lower than the
NIR luminosities in Figure 3. The reason for this, as can be seen
in Figure 4, is that the photospheric contribution dominates the
J, H, and K bands for these epochs. At epochs later than the
day 465 observation, the opposite is true, which is a result of
including the total dust emission from the blackbody fit and not
only the NIR bands.

Already at ∼90 days, Andrews et al. (2011) found from NIR
and Spitzer observations an IR excess due to warm dust, but
with a lower temperature of ∼750 K than we find. Andrews
et al., however, only include the Spitzer fluxes to the dust
component, while we also include the J, H, and K bands in
this component, which explains our higher dust temperatures.
We note that Andrews et al. (2011) underestimate the K-band
flux in their SED fit.

Using the SED fitting, we can improve on the bolometric
light curve by separating the SN and dust contributions of
the IR flux to the bolometric luminosity and add this to the
BVri contribution in Figure 3. Based on the UV flux at the
epochs with HST observations, we multiply this by a factor
of 1.25 (Section 3.2). In this way we arrive at the bolometric
light curve from the SN ejecta alone in Figure 6, now shown
in a log–log plot. From this we see that the bolometric light
curve from the ejecta can be accurately characterized by a
power-law decay from ∼20 to 320 days, given by L(t) ∼
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Figure 6. Bolometric light curve for the SN ejecta, excluding the dust echo.
The dashed lines show power-law fits to the early and late light curves used to
construct the density distribution of the explosion. Note the pronounced break
in the light curve at ∼320 days. The dashed lines give power-law fits to the
luminosity before and after the break (see Section 4.5 for a discussion).
(A color version of this figure is available in the online journal.)

1.75 × 1043(t/100 days)−0.536 erg s−1 and a final steep decay
L(t) = 8.71 × 1042(t/320 days)−3.39 erg s−1 after day 320.

Ofek et al. (2014) estimate the bolometric light curve by
assuming a constant bolometric correction of −0.27 mag to the
R-band photometry. With this assumption, they find a flatter
light curve with L(t) ∝ t−0.36 for the same explosion date as
we use here. The reason for this difference is that the R-band
decays slower than most of the other bands, as can be seen from
Figure 2. The bolometric light curve will therefore be steeper
than the R-band light curve.

The slope depends on the assumed shock breakout date. Ofek
et al. (2014) discuss this based on the light curve and find a likely
range of 15–25 days before I-band maximum, corresponding
to JD 2,455,4692,455,479. Using 2,455,469 instead of our
2,455,479 would change the best-fit luminosity decline to
L(t) ∼ 1.9 × 1043(t/100 days)−0.61 erg s−1.

To estimate the total energy output from the SN, we assume
that the bolometric luminosity before our first epoch at 26 days
was constant at the level at 26 days, which is supported by the
early observations by Stoll et al. (2011), shown in Figure 2.
The total energy from the SN (excluding the echo) is then
6.5 × 1050 erg. In addition, there is a contribution from the
EUV as well as X-rays and mid-IR (Section 4.7). Even ignoring
these, we note that the total radiated energy is a large fraction
of the energy of a “normal” core-collapse SN (see Section 4.7).

3.3. Spectroscopic Evolution

Figures 7 and 8 show the SN 2010jl spectral sequence for days
29–847 obtained with FAST at FLWO and with grism 16 at NOT,
respectively. The former have the advantage of showing the full
spectral interval between 3500 and 7200 Å, and the NOT spectra
below 5100 Å have a higher dispersion, showing the narrow line
profiles better.

From our first optical spectra at 29 days to the last at 848 days,
we see surprisingly little change in the lines present (Figure 7).
The main difference is that the continuum is getting substantially
redder with time. This is also apparent from the steep light
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Evidence for Dense Material in Ordinary SNe II

Extended material is common even for Type II-P SNe
→ Mdot~10-3-10-1 Msun yr-1 (>> 3x10-6 Msun yr-1 for RSG)

early spectroscopy
(Yaron+ 16 Nat. Phys.)

see also
light curve modeling
Morozova+ 17 ApJSN 2013fs



Supernovae with Interactions with CSM

Star

wind/shell wind/shell

ejecta

kinetic energy → thermal + non-thermal via shock

SN

shocks

dense environments = efficient n emitters (calorimeters)

π ± →νµ +νµ + νe (νe ) + e
±

π 0 → γ +γ
p+ p→ Nπ + X



Shock Dynamics -> Time-Dependent Model

parameters can be determined by photon (opt, X, radio) observations!
Ed ~ Eej(>Vs) in the detailed model, different from Ed ~(Mcs/Mej)Eej by KM+11

equation of motion of the shocked ejecta

self-similar solution (Chevalier 82)

dissipation luminosity
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Eej ~ 1051 erg, Mej ~ 10 Msun

w=2 for a wind CSM
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Diversity of Core-Collapse Supernovae

Type II SN frac. ~ 2/3

2

TABLE I: CSM parameters for various types of SNe consid-
ered in this work. For SNe IIn and SNe II-P with a pre-
SN mass loss, we also assume that the CSM is extended
to Rw = 1016 cm [17] (implying M

cs

⇠ 3 M�) and Rw =
4⇥ 1014 cm [18] (implying M

cs

⇠ 10�3 M�), respectively.

Class D⇤ Ṁw [M� yr�1] Vw [km s�1] R⇤ [cm]
IIn 1 10�1 100 1013

II-Pa 10�2 10�3 100 6⇥ 1013

II-Pb 1.34⇥ 10�4 2⇥ 10�6 15 6⇥ 1013

II-L/IIb 10�3 3⇥ 10�5 30 6⇥ 1012

Ibc 10�5 10�5 1000 3⇥ 1011

a
Based on the observations of SN 2013fs (II-P).

b
Based on the observations of Betelgeuse (RSG).

ity Vw as D = Ṁw/(4⇡Vw). It is noteworthy that re-
cent observations have revealed that a significant pre-SN
mass loss of ⇠ 0.1 � 10 yr is common in core-collapse
SNe (e.g., Refs. [16, 19–24]), including the dominant
class, SNe II-P. For example, early observations of SN
2013fs indicated D⇤ ⇠ 10�2 and an outer edge radius of
Rw ⇠ a few ⇥ 1014 cm [17]. The most extreme class
is Type IIn SNe [18, 25, 26], and SN 2010jl inferred
D⇤ ⇠ 6 and Rw ⇠ 1016 cm [18]. A dense CSM is sug-
gested in even Type Ibc SNe and low-luminosity �-ray
bursts [27, 28]. See Ref. [16] and Table I.

A faster component of the SN ejecta is decelerated
earlier, and the shock evolution is given by known self-
similar solutions [29–31]. In the thin shell approxima-

tion, with an outer ejecta profile of %
ej

/ t�3(r/t)�� (for
� � 6.67), the shock radius is given by [29–31]

Rs = X(w, �)D� 1

��w E
��3

2(��w)
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��3
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[4⇡(� � 4)(� � 3)�]�
1

��w [3(� � 3)]�
��5

2(��w) for the flat core
profile. The solutions remain valid until the whole ejecta
starts to be decelerated [79], which is satisfied in our
setup. Progenitors of Type II-P SNe are thought to be
red supergiants (RSGs), for which we assume a stellar
size of R⇤ = 6 ⇥ 1013 cm. For SNe II-L/IIb, we use a
value motivated by yellow supergiants [16]. We adopt
� = 12 for supergiant stars with a radiative envelope,
while � = 10 is assumed for Wolf-Rayet-like compact
stars with a convective envelope [32]. For SNe IIn, we
simply take � = 10 based on the results on SN 2010jl [18].
However, we stress that these do not alter our conclusions
on neutrino spectra and detection prospects.

While we use Eq. (1) for numerical calculations, for the
demonstration we give expressions using Type II-P SNe
as a reference. The shock radius is estimated to be

Rs ⇡ 2.4⇥ 1014 cm D�1/10
⇤,�2

E9/10
ej,51M

�7/20
ej,1 t9/10

5.5 (2)

and the corresponding shock velocity Vs = dRs/dt is:

Vs ⇡ 6.2⇥ 108 cm s�1 D�1/10
⇤,�2

E9/10
ej,51M

�7/20
ej,1 t�1/10

5.5 . (3)

Shock dissipation converts the kinetic energy into heat,
magnetic fields, and CRs. The energy dissipation rate,
Ld = 2⇡%

cs

V 3

s R
2

s is estimated to be

Ld ⇡ 1.0⇥ 1042 erg s�1 D7/10
⇤,�2

E27/20
ej,51 M�21/20

ej,1 t�3/10
5.5 . (4)

By analogy with SN remnants, it is natural to ex-
pect that CRs are accelerated by the shock accelera-
tion mechanism. Contrary to the SN shock inside a
star [80], the CSM is not too dense (except for SNe IIn)
and the formation of collisionless shocks (mediated by
plasma instabilities) is unavoidable [33–36]. The condi-
tion for the shock to be radiation unmediated is given by
⌧T ⇡ �T %csRs/(µemH) . c/Vs, where ⌧T is the optical
depth to the Thomson scattering with the cross section,
�T ⇡ 6.7 ⇥ 10�25 cm2. If radiation mediated, the shock
jump is smeared out by radiation from the downstream,
and CR acceleration becomes ine�cient [37, 38]. This cri-
terion coincides with the condition for photons to break-
out from the CSM, which is satisfied after the photon
breakout time, i.e., t � t

bo

⇡ 6.0 ⇥ 103 s D⇤,�2

µ�1

e [39].
In addition, since we consider CR acceleration during
CSM interactions, we take the second criterion, t �
t⇤ ⇡ 6.8 ⇥ 104 s D1/9

⇤.�2

E�1/2
ej,51 M7/18

ej,1 , which is given by
R⇤ = Rs(t⇤) for Vs < Vs,max

(where Vs,max

is the max-
imum velocity [32]). Considering these conditions, the
onset time of CR acceleration is given by

t
onset

⇡ max[t
bo

, t⇤]. (5)

We find that in most cases including Type II-P SNe,
t
onset

⇠ t⇤, which is di↵erent from t
onset

⇠ t
bo

for Type
IIn SNe. See Fig. 1 for t

onset

of various SN classes.
The CR acceleration time is given by t

acc

⇡
⌘Ep/(eBc), where ⌘ = (20/3)(c2/V 2

s ) for a non-
relativistic shock whose normal is parallel to the mag-
netic field in the Bohm limit [12]. We parameterize
B2/(8⇡) = ✏BUd, where Ud is the dissipated energy den-
sity. Observations of radio SNe and numerical simula-
tions suggest ✏B ⇠ 10�3 � 10�2 [40, 41], and we adopt
✏B = 10�2. Note that with reasonable values of ✏B , the
detectability of TeV neutrinos is largely una↵ected. In
most cases listed in Table I, we find that the maximum
proton energy (EM

p ) is limited by the particle escape or
dynamical time. For simplicity, assuming that the escape
boundary is comparable to the system size (see Refs. [36]
for discussions), i.e., t

acc

⇠ t
dyn

⇡ Rs/Vs, we ob-

tain EM
p ⇡ 1.9⇥ 106 GeV ✏1/2B,�2

D3/10
⇤,�2

E9/10
ej,51M

�7/10
ej,1 t�1/5

5.5 .
However, for Type IIn SNe, energy losses due to inelas-
tic pp interactions can be relevant, and Ref. [33] gives

EM
p ⇡ 2.3 ⇥ 106 GeV ✏1/2B,�2

D�9/10
⇤,�2

E9/5
ej,51M

�7/5
ej,1 t3/5

5.5 . Fi-
nally, we assume a CR spectrum to be a power-law,
dN

cr

/dp / p�s with s ⇠ 2.0� 2.2, where p is the proton
momentum. The CR energy density U

cr

is normalized as
U
cr

= ✏
cr

Ud, where ✏
cr

is the energy fraction carried by
CRs and ✏

cr

⇠ 0.1 is consistent with both of the theoret-
ical expectations and observations [10, 13].
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Table 1. Volume-limited core-collapse SN fractions

SN Type fraction error

( % ) ( % )

Ic 14.9 +4.2/−3.8
Ib 7.1 +3.1/−2.6
Ibc-pec 4.0 +2.0/−2.4

IIb 10.6 +3.6/−3.1
IIn 8.8 +3.3/−2.9

II-L 6.4 +2.9/−2.5
II-P 48.2 +5.7/−5.6

Ibc (all) 26.0 +5.1/−4.8

Ibc+IIb 36.5 +5.5/−5.4

Core-Collapse SN Fractions

II-P
48.2%

II-L
6.4%

IIb
10.6%

IIn

8.8%

Ibc-pec 4.0%

Ic
14.9%

Ib
7.1%

Ib
7.1%

Figure 1. Relative fractions of CCSN types in a volume-limited
sample from LOSS. This is slightly different from the fractions
quoted in Paper II, in order to better suit the aim of this paper
as explained in the text. The main difference is that we exclude
SNe in highly inclined galaxies because of extinction effects, and
we reorganise the class of SNe Ibc-pec (namely, we moved broad-
lined SNe Ic from the “Ibc-pec” category to the “Ic” group).

2 OBSERVED CCSN FRACTIONS

Figure 1 shows a pie chart illustrating the relative fractions
of different types of CCSNe derived from LOSS. These val-
ues are taken from the volume-limited fractions of all SN
types derived in Paper II, with the thermonuclear (Type Ia)
explosions subtracted from the sample. The relative frac-
tions of the total for CCSNe are listed in Table 1, and these
values are adopted throughout this work. See Paper II for
further details on how these numbers are derived from our
survey. Errors in Table 1 were estimated using a random
Poisson number generator to sample from a list of fake SNe
with fractions corrected for various observing biases, with
106 realizations. Paper II discusses this in more detail.

There are several important points to note here. This
volume-limited sample of CCSNe excludes most of the
so-called “SN impostors” (e.g., Van Dyk 2010; Smith et

al. 2010, in preparation), which appear as relatively faint
SNe IIn that are often discovered by KAIT. If we had in-
cluded them, the fraction of SNe IIn would be significantly
higher; note that even without the SN impostors, however,
our relative fraction of SNe IIn is higher than in previous
studies (Cappellaro et al. 1999; Smartt 2009). The crite-
ria for excluding an individual SN impostor are admittedly
somewhat subjective, but this is a necessary step since the
diversity and potential overlap of SNe IIn and massive star
eruptions are not fully understood yet. Generally, if an ob-
ject has a peak absolute R or unfiltered magnitude brighter
than −15 and has line widths indicating expansion speeds
faster than about 1000 km s−1, we include it as a real SN IIn.
Less luminous and slower objects are considered impostors
and are excluded.

Unlike previous studies, we include a category called
“SNe Ibc-pec” (peculiar; see Paper II). This category was
necessary to introduce in Paper II because some SN Ibc
vary significantly from the template light curves used to de-
rive the control times for SNe Ib and Ic. As such, the “Ibc-
pec” category in Paper II includes some broad-lined SNe Ic
such as SN 2002ap that are clearly SNe Ic. We have moved
these to the SN Ic category for the purpose of this paper,
since they clearly correspond to massive stars that have fully
shed their H and He envelopes. This has a small effect on the
overall statistics, because broad-lined SNe Ic are very rare in
our sample, contributing only 1–2% of all CCSNe. This is in
agreement with the recent study of Arcavi et al. (2010), who
find that broad-lined SNe Ic contribute only 1.8% of CCSNe
in large galaxies. It is noteworthy, however, that Arcavi et
al. (2010) find broad-lined SNe Ic to be much more common
(∼13% of CCSNe) in low-metallicity dwarf host galaxies.
We also exclude SNe occurring in highly inclined galaxies,
where dust obscuration may introduce statistical problems
that are difficult to correct. As a result of these minor adjust-
ments, made because our goal of investigating implications
for massive-star evolution is different from the goal of deriv-
ing relative rates and correcting for observational biases, the
relative fractions of various SN types in Table 1 and Figure 1
differ slightly from the results in Paper II.

In quoting fractions of various SN types, we ignore
metallicity, galaxy class, and other properties, although we
are cognizant of the importance of these properties and con-
sider them in our discussion below. The galaxies included in
the LOSS survey span a range of luminosity, with most of the
CCSN hosts corresponding roughly to metallicities of 0.5–2
Z⊙ (Garnett 2002; the LOSS galaxy sample spans a range
of MK from about −20 to −26 mag, but most of the CCSN
hosts are in the range −22 to −25 mag; see Paper II). We
note some trends in Paper II, such as the fact that SNe IIn
appear to prefer lower luminosity spirals, whereas SNe Ibc
seem to prefer large galaxies and therefore higher metallicity,
consistent with previous studies (Prantzos & Boissier 2003;
Prieto et al. 2008; Boissier & Prantzos 2009). LOSS is biased
against very faint dwarf galaxies, since larger galaxies with
potentially more SNe were targeted to yield a richer harvest
of SNe. However, low-luminosity galaxies seem to have more
than their expected share of star formation per unit mass,
and probably contribute 5–20% of the local star formation
(Young et al. 2008). If unusually luminous SNe IIn and II-L
favour such low-luminosity galaxies, as some recent studies
may imply (Smith et al. 2008; Miller et al. 2009; Quimby et

Smith+ 11 MNRAS

stellar wind only
w. pre-SN mass loss



Neutrino Light Curve

tonset ~ time leaving the star (typical) or breakout time (IIn)
slowly declining light curve while pion production efficiency ~ 1
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Neutrino Fluence

Fluence for an integration time at which S/B1/2 is maximal
(determined by the detailed time-dependent model)
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Prospects for Neutrino Detection

~ 10-1000 events for Type II supernovae at 10 kpc
~ 0.01-0.1 events for Ibc (but see Kashiyama, KM+ 13 ApJL) 
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Some Remarks
• Testable & clear predictions (no need for jets, winds, shocks in a star)  

free parameters: eCR & s ⇔ shock acceleration theory (eCR~0.1 & s~2.0-2.3)

• Time window
depends on SN types; guidelines are provided by the theory (fpp~tdyn/tpp~1)
e.g., characteristic time window: ~1-10 day for SNe II

• Energy range
IceCube/KM3Net: TeV-PeV (detectable Glashow res. anti-ne & nt events) 
Hyper-K/PINGU/ORCA: GeV

＊ Type II cases are different from the Type IIn case
II-P/II-L/IIb/Ibc: shock in the CSM is collisionless & Mcsm << Mej
IIn: shock can be radiation-mediated &  Mcsm could be larger than Mej

tonset determined by photon breakout, ejecta deceleration, 
radiative shock, other relevant CR cooling processes…
(for work on SNe IIn, see KM, Thompson, Lacki & Beacom 11 and Petropoulou’s talk)



Implications
• Astrophysical implications

a. pre-explosion mass-loss mechanisms
how does a dense wind/shell form around the star ? 

b. PeVatrons
can CRs be accelerated up to the knee energy at 1015.5 eV?   

c. real-time observation of ion acceleration for the first time
is it consistent with the diffusive shock acceleration?

d. promising targets of multi-messenger astrophysics
MeV ns & possibly gravitational waves
optical, X-rays, radio waves, and gamma rays (up to ~Mpc by Fermi)  

• Particle physics implications
neutrino flavors (matter effect is not relevant), neutrino decay, 
neutrino self-interactions, oscillation into other sterile states etc. 

cf. more lucky examples?
Betelgeuse: ~103-3x106 events
Eta Carinae: ~105-3x106 events

•



Take Away
- We provided the time-dependent model for high-energy   
neutrino/gamma-ray emission from different classes of SNe

- Type II: ~1000 events of TeV n from the next Galactic SNe
- SNe as “multi-messenger” & “multi-energy” neutrino source

MeV n

GeV-PeV n

~0.1-1 day~10 sec

Ln

En



CRs Should Lead to Efficient Hadronic Interactions

particle collisions with CSM 
tpp = 1/(n kppsppc)
tdyn = R/bc

fpp(rbo) ~ b-2(kppspp/sT) ~ 0.03 b-2

b ~ 0.1-1      ⇔ transrelativistic SNe
b ~ 0.01-0.03 ⇔ nonrelativistic SNe

most CR energy goes to pions

→ fpp = (R/b) n kppspp

at breakout: tT =1/b

p+ p→ Nπ + X

(spp~3x10-26 cm2)

new probes!
π ± →νµ +νµ + νe (νe ) + e

±

π 0 → γ +γ



Transrelativistic SNe (b~1)

Nearby GRBs (ex. 060218@140Mpc, 980425@40Mpc) may form another class
• much dimmer (ELLg

iso ~1050 erg ⇔ EGRBg
iso ~1053 erg/s )

• more frequent (rLL ~102-3 Gpc-3 yr-1 ⇔ rGRB ~0.05-1 Gpc-3 yr-1)
• relativistic ejecta (the other GRB-SNe + 2009bb) (Soderberg+ 10 Nature)

- maybe more baryon-rich? (e.g., Zhang & Yan 11 ApJ) 

Fan et al. 11 ApJL

XRF020903? 

100 ms “pulse” Cosmological GRB?? 

2008D! 

2006aj? 

2003dh?? 

1998bw? 

2003lw? 

R=1011 

1012 

1013 

$=100 

10 

$#~1 

#=0.1 

3

Fig. 3.— The isotropic energy of the prompt emission vs. the
kinetic energy of the supernova outflow. The kinetic energy of SN
2010bh is estimated to be larger than ∼ 1052 erg (see footnote
2). Other data are taken from Li (2006). The possible maximum
energy ∼ 5×1052 erg that can be provided by a pulsar with P ! 1
ms and I ∼ 2× 1045 g cm2 is also plotted.

3. A POSSIBLE MODEL FOR THE LONG-LASTING X-RAY
PLATEAU

In the following, we define t = T − Ttrig + 500 s,
i.e. the time elapse since Ttrig − 500 s. We interpret
all the BAT/XRT data of XRF 100316D for 0 ≤ t ≤

1.23 × 103 s as “prompt emission” (i.e. the radiation
powered by some internal energy dissipation processes)
for the following two reasons. First, the steady plateau
behavior observed in both BAT and XRT band at t ≤
1.23× 103 s with an evolving Ep is difficult to interpret
within afterglow models. Second, the sharp decline of the
X-ray emission (t−2 or even steeper) expected in the time
interval 1.23× 103 s < t < 3× 104 s resembles the early
rapid decline that has been detected in a considerable
fraction of Swift GRBs, which is widely taken as a piece
of evidence of the end of prompt emission (Zhang et al.
2006). The nature of the X-ray emission detected at
t > 3 × 104 s is hard to pin down. Its spectrum is very
soft (photon index Γ = 3.3+2.2

1.6 ), similar to that of XRF
060218. This is also unexpected in the external forward
shock models, and this late X-ray component may be
related to a late central engine afterglow, whose origin is
unclear (e.g., Fan et al. 2006; Soderberg et al. 2006).

The prompt BAT/XRT data do not show a signifi-
cant variability (Fig.2). The time-averaged γ−ray lumi-
nosity is ∼ 3 × 1046 erg s−1 and the X-ray luminosity
is ∼ 2 × 1046 erg s−1. The bolometric luminosity of the
XRF outflow is therefore expected to be in the order of
1047 erg s−1. The duration of the BAT emission is at
least 1.23 × 103 s, and can be longer. The relatively
steady energy output is naturally produced if the central
engine is a neutron star with significant dipole radiation.
The dipole radiation luminosity of a magnetized neutron
star can be described as

Ldip = 2.6× 1048 erg s−1 B2
p,14R

6
s,6Ω

4
4

(

1 +
t

τ0

)−2

,(1)

where Bp is the dipole magnetic field strength of the
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Fig. 4.— Broadband SED from UVOT, XRT, and BAT data.
Grey points show the time-averaged BAT+XRT spectrum between
Ttrig+150 sand Ttrig+744 s. The thick dashed line represents
an absorbed broken power-law fit (i.e., wabs*zwabs*bknpower in
XSPEC although the absorption components are not plotted here)
to the BAT+XRT data leading to Γ1 = 1.42, Γ2 = 2.48 and
Ebreak = 16 keV. The solid line shows the same fitting as above for
higher energy band but with an additional break at 1 keV, below
which photon index is set to −2/3. UVOT observations are taken
from Starling et al. (2010). The extinction in each filter has been
corrected by adopting EMW(B − V ) = 0.12 from the Milky Way
and Ehost(B − V ) = 0.1 from the host galaxy (Starling et al.2010;
Chornock et al. 2010) and a Milky Way-like extinction curve forall
bands (Pei 1992).

neutron star at the magnetic pole, Rs is the radius of
the neutron star, Ω is the angular frequency of radi-
ation at t = 0, τ0 = 1.6 × 104B−2

p,14Ω
−2
4 I45R

−6
s,6 s is

the corresponding spin-down timescale of the magne-
tar, and I ∼ 1045 g cm2 is the typical moment of in-
ertia of the magnetar (Pacini 1967; Gunn & Ostriker
1969). Here the convention Qn = Q/10n is adopted in
cgs units. One then has Ldip ∼ const for t ≪ τ0 and
Ldip ∝ t−2 for t ≫ τ0. An abrupt drop in the X-ray
flux with a slope steeper than t−2 may be interpreted as
a decrease of radiation efficiency, or the collapse of the
neutron star into a black hole, possibly by losing the an-
gular momentum or by accreting materials. Within such
a model, the fact that

Ldip ∼ 1047 erg s−1, τ0 ∼ 1000 s,

would require (Bp,14, Ω4, I45, Rs,6) ∼ (30, 0.06, 1, 1).
This is a slow (P ≃ 10 ms) magnetar (Bp ≃ 3× 1015 G).

The composition of this spindown-powered outflow
is likely Poynting-flux-dominated. Besides the magne-
tar argument (which naturally gives a highly magne-
tized outflow), another argument would be the lack of
a bright thermal component with a temperature kT ∼

10 keV L1/4
47 R−1/2

0,9 from the outflow photosphere as
predicted in the baryonic outflow model, where R0 is
the initial radius where the outflow is accelerated (e.g.
Zhang & Pe’er 2009; Fan 2010). One may argue that
the photosphere radiation peaks at the observed Ep.

from Katz 11
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We assume a power-law distribution of the accelerated protons,
dN/dEp ∝ E−s

p with s = 2. The peak fluxes of neutrinos and
gamma rays decrease by ∼30% for s = 2.2. The normalization
is determined by introducing the acceleration efficiency, ϵCR ≡
ECR/Eiso with ECR ≡

∫ Ep,max Ep(dN/dEp)dEp.

4. NEUTRINO AND GAMMA-RAY EMISSION

We consider the neutrinos and the gamma rays from the decay
of mesons generated by both the photomeson production and
inelastic pp reaction. In the analytical estimate below, we only
discuss pions which turn out to give a dominant contribution.
But the contribution from kaon decay is numerically included
as in Murase (2008).

We can estimate the fraction of energy transferred from the
non-thermal protons to the pions by the photomeson interactions
as min[1, fpγ ], where fpγ ≡ tγ /tpγ . Using the rectangular
approximation (Waxman & Bahcall 1997) for a photon spectrum
approximated as a broken power law, we have

fpγ ∼ y±
−1ϵγ εb,16 keV

−1

×
{

(Ep/Ep,b)β−1 (Ep < Ep,b),
(Ep/Ep,b)α−1 (Ep,b < Ep),

(6)

where Ep,b = 0.5 ε̄εb
−1mpc

2 ∼ 8.8 εb,16 keV
−1 TeV with

ε̄ ∼ 0.34 GeV. The multi-pion production becomes dominant
above ≈0.5 ε̄εmin

−1mpc
2 ∼ 140 εmin,keV

−1 TeV (cf. Murase
et al. 2008). We can conclude that a significant fraction of
non-thermal protons with energies 10 TeV ! Ep ! EeV will
be converted into pions, even when y± is slightly larger than 1.

The inelastic pp cooling time is tpp
−1 ≈ (ρ/mp)κppσppc. The

fraction of energy an incident proton loses, fpp ≡ tγ /tpp, can be
evaluated as

fpp ∼ 0.1 y±
−1βsh,0.5

−2, (7)

where we use approximately constant values for the inelasticity
κpp ∼ 0.5 and for the cross section σpp ∼ 4 × 10−26 cm2,
appropriate at high energies. Equation (7) indicates that the
inelastic pp collisions can also contribute moderately to the
pion production as in the case of GRB photospheric emissions.

Neutrino emission. Neutrinos are mainly produced as decay
products of charged pions. One can find that the charged pions
with Eπ " 5 (ξB/0.1)−1/2y±

1/2ϵγ
−1/2rsb,13.95

1/2βsh,0.5
−1/2 PeV

will lose their energy before decaying due to the syn-
chrotron cooling. Given that the resultant neutrinos have typ-
ically ∼1/4 of the parent pion energy, one expects TeV–PeV
neutrinos. The peak fluence from a single SN/burst event
can be analytically estimated as Eν

2φν ≈ (1/4πD2
L) ×

(1/4) min[1, fpγ ](Ep
2dN/dEp), or

Eν
2φν ∼ 10−5

(
DL

10 Mpc

)−2
ϵCR

0.1

× fpγ y±
−1rsb,13.95

2βsh,0.5 erg cm−2, (8)

where DL is the luminosity distance to the source.
Figure 2 shows the energy fluences of neutrinos obtained nu-

merically using the calculation codes of Murase (2008), for the
same parameters as in Figure 1. The dashed and dotted lines
show the contribution from the photomeson and inelastic pp
interactions, respectively. We have verified that contributions
from the kaon decay become important only above ∼10 PeV.
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Figure 2. Energy fluences of neutrinos from a trans-relativistic shock breakout
using the same parameters as in Figure 1. We set ϵCR = 0.2 and DL = 10 Mpc.
Lines represent a contribution from the photomeson production (dashed), the
inelastic pp reaction (dotted), and the total (solid). The dotted-dashed lines show
the zenith-angle averaged atmospheric neutrino background (ANB) within a
circle of deg for ∆t = 3.0 × 103 s (thick) and ∆t = 1 day (thin).
(A color version of this figure is available in the online journal.)

The signal is above the zenith-angle-averaged atmospheric neu-
trino background (ANB; dotted-dash lines; thick one for tγ ∼
3×103 s and thin one for one day). The number of muon events
due to the muon neutrinos above TeV energies can be estimated
as Nµ ∼ 0.3 (ϵCR/0.2)(DL/10 Mpc)−2y±

−1rsb,13.95
2βsh,0.5 us-

ing IceCube/KM3net (Karle & for the IceCube Collabora-
tion 2010; Katz 2006). Based on our fiducial parameters,
IceCube/KM3net can marginally detect a nearby source at
!10 Mpc, although such events occur rarely, i.e., !0.002 yr−1

for a local LL GRB event rate RLL(z = 0) ∼ 500 Gpc−3 yr−1

(Guetta & Della Valle 2007).
From Figure 2, one can see that the typical neutrino energy

in the trans-relativistic shock breakout model is TeV–PeV. By
comparison, the relativistic jet models of LL GRBs predict
higher energy PeV–EeV neutrinos (Murase et al. 2006; Gupta
& Zhang 2007). This difference is mainly because the shock
breakout model involves a lower Lorentz factor and a stronger
cooling of mesons. In a relativistic jet, the peak photon energy in
the comoving frame is ε′

b = εb/Γj, where Γj is the Lorentz factor
of the jet. The typical energy of protons interacting with photons
via the photomeson production is Ep

′ ∼ 0.5 ε̄εb
′−1mpc

2. The
resultant neutrino energy will be Eν ∼ 0.05 × Ep

′Γj in the
observer frame, which is 100 (Γj/10)2 times larger than our
model. Thus, high-energy neutrino observations can provide
clues to the emission model of LL GRBs.

In principle, the shock velocity could be independently con-
strained through the neutrino spectroscopy. From Equations (6)
and (7), both fpγ and fpp are present irrespective of rsb, and only
depend on βsh. The relative importance of photomeson to inelas-
tic pp collisions directly affects the neutrino energy spectrum.
In the case of trans-relativistic shocks, the spectrum will have
a bumpy structure like in Figure 2. On the other hand, slower
shocks will produce relatively flat spectra because of efficient
inelastic pp interactions (see, e.g., Murase et al. 2011).

Gamma-ray counterparts. Gamma rays are mainly injected
by neutral meson decays. Since the neutral mesons do not suffer
synchrotron cooling, the maximum energy of gamma rays can
be as high as ∼10% of the parent protons, that is ∼100 PeV
in our fiducial case. At high energies above ∼MeV, the e± pair
production can attenuate the gamma-ray flux. In the emission

3

Neutrinos from Transrelativistic SNe
Kashiyama, KM+ 13 ApJL

• Detectable by IceCube up to ~10 Mpc
• Stacking analyses may be possible
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Figure 3. Energy fluxes of gamma rays corresponding to Figure 2. The emission
duration is equal to that of X-rays, tγ = 3.0 × 103 s. We show the cases of
DL = 10 and 100 Mpc (thick solid lines). For the former, we also show
the injected spectrum without attenuation (dashed line) and only including
attenuation within the emission region (thin line). The dotted line shows
0.5 hr = 1.8 × 103 s differential sensitivity of CTA for a 5σ detection.
(A color version of this figure is available in the online journal.)

region, we can roughly take into account the attenuation by
≈1/(1 + τγ γ ), where τγ γ is the e± pair production optical
depth (e.g., Baring 2006). The observed photon spectrum of
GRB100316D is employed to calculate the optical depth of the
emission region numerically, with a Rayleigh–Jeans tail below
εmin = 1 keV. This would be reasonable, since the result is not
affected much as long as the photon index there is harder than
1. We also take into account the attenuation by the extragalactic
background light (EBL; Kneiske et al. 2004).

Figure 3 shows the numerically calculated energy spectrum
of gamma rays. The thick solid line represents the expected
flux from a single LL GRB event at 10 Mpc and 100 Mpc.
The emission duration is set to that of the X-rays, tγ ∼
3.0 × 103 rsb,13.95 s. As a reference, we also show the injected
spectrum without attenuation (dashed line) and only including
the attenuation within the emission region (thin solid line) for
the 10 Mpc case. It can be seen that the attenuation of GeV !
Eγ ! 100 TeV gamma rays is mainly due to the photon field
in the emission region below/around ε " 1 keV. In our case,
the attenuation rate decreases with the energy because of the
Klein–Nishina suppression. On the other hand, gamma rays
above ∼100 TeV are mostly attenuated by the EBL. In Figure 3,
we also show the differential sensitivity of the Cherenkov
Telescope Array (CTA) for a 5σ detection with an exposure
time comparable to tγ , 0.5 hr = 1.8 × 103 s (dotted line; Actis
et al. 2011). CTA can detect the multi-TeV gamma rays even
from 100 Mpc, within which the all-sky event rate would be
∼2 yr−1 for RLL(z = 0) ∼ 500 Gpc−3 yr−1. The field of view
(FOV) of CTA with the shown sensitivity ∼5◦ would not be wide
enough for a blind search. On the other hand, a survey mode
with a wider FOV would not be sensitive enough to detect the
signal. Thus, for CTA, a rapid follow-up observation triggered
by a wide-field X-ray telescope such as Swift or a Lobster-type
instrument is needed. Assuming that the sky coverage is "10%,
one can expect "0.2 events yr−1 within 100 Mpc. The detection
rate would be increased by a simultaneous operation of HAWC
with a sensitivity ∼10−10 erg cm−2 s−1 for ∼100 TeV gamma
rays (DeYoung & HAWC Collaboration 2012).

A detection of the multi-TeV gamma-ray transient, as ex-
pected in this model, would also constrain the emission mech-

anism of LL GRB. This is in contrast to the relativistic jet
model, where, as in the neutrino counterpart, the typical energy
of the gamma rays injected by the photomeson reaction would
be "PeV, which will be completely attenuated by the EBL even
if they can escape the emission region.

5. SUMMARY AND DISCUSSION

We have shown that trans-relativistic shock breakouts in
SNe can be accompanied by multi-TeV neutrino and gamma-
ray transients. These can provide diagnostics for a radiation-
mediated shock converting into a collisionless shock, and
for baryon acceleration there. We can also get clues to the
emission mechanism of LL GRBs by detecting such high-
energy counterparts simultaneously with the prompt X-ray
emission. The multi-TeV gamma rays can be detectable even
from 100 Mpc away using CTA. These results motivate follow-
up observations triggered by a wide-field X-ray telescope such
as Swift.

While typically one expects very few neutrino events from
those trans-relativistic SNe, nevertheless, searches for them
would be aided by other possible counterparts. Using the
information of optical/infrared counterparts of core-collapse
SNe, one can essentially fix the position within the angular
resolution of IceCube/KM3net ! deg, and also restrict the
time domain of the neutrino search within ∼ day. The ANB
of IceCube/KM3net within a circle of a degree over a day
is roughly !10−5 Eν,100 TeV

−2 events day−1. In terms of this
ANB flux, neutrinos from trans-relativistic shock breakouts
within DL ∼ Eν,100 TeV Gpc can give a signal-to-noise ratio "1
(see also Figure 2). One could then statistically extract O(1)
astrophysical neutrinos by stacking the optical counterparts
of O(105) SNe within z ! 0.3, whether or not the X-ray
counterparts are observed. Given that the whole sky event
rate of such LL GRBs would be ∼3 × 104 yr−1 assuming
RLL(z = 0) ∼ 500 Gpc−3 yr−1, a decadal SNe search up to
z ! 0.3 with a sky coverage "10% is needed. While still a
challenging task, this kind of astronomy may be possible in the
LSST era (Lien & Fields 2009).

Non-GRB broad-line SNIc can also be accompanied by trans-
relativistic shocks with βshΓsh ∼ 1, which break out at a certain
radius and could produce neutrinos in the presence of material
with a shallow profile. Although the typical fraction of the
energy in the trans-relativistic component would be relatively
small, Eiso ! 1048 erg (e.g., Soderberg et al. 2010), the event rate
is larger than for LL GRBs, RIbc(z = 0) ∼ 2 × 103 Gpc−3 yr−1

(Madau et al. 1998). Thus, they could give a comparable or a
larger amounts of neutrinos by using the above stacking method.
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Shock Breakout Emission from Dense CSM
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(a) (b)

Figure 1. Luminosity curves of two types of supernova interaction with dense mass loss: (a) wind extent Rw greater than the characteristic diffusion radius Rd and (b)
Rw < Rd . In each case, there is a time from the explosion at t = 0 to the shock wave reaching a place where the radiation can escape and the luminosity rises. In the
case Rw > Rd , there is a later, slower luminosity decline due to continued interaction of the shock wave (velocity vsh) with slow wind material.

show some evidence for acceleration, but it is only significant
near the breakout radius because of the r−2 dependence of the
radiative flux, and we neglect it here. The expansion of R can
be described by the thin shell approximation (Chevalier 1982),
yielding R = 0.94Rcd. The resulting power is

L = 7.1 × 1043E1.2
51 M−0.6

e1 D0.4
∗ t−0.6

1 erg s−1. (9)

The magnitude of the luminosity is similar to that produced
by the initial breakout radiation, as is seen in numerical
simulations (Grasberg & Nadyozhin 1987; Moriya et al. 2010).
The luminosity lasts until the shock wave at R reaches the edge of
the dense wind, Rw, at tw = 1.1E−0.5

51 M0.25
e1 D0.25

∗ R1.25
w16 yr, where

Rw16 is in units of 1016 cm. Figure 1(a) illustrates the luminosity
evolution with the late flattening from the shell interaction.

In the case of shock breakout from a red supergiant, the
shock front takes ∼1 day to traverse the star and the time for
shock breakout is ∼103 s (Klein & Chevalier 1978). The shock
breakout timescale is much less than the time since explosion. In
the dense mass-loss case considered here, the time for the shock
front to move to the breakout region is ∼Rd/vsh, which is also the
timescale for the breakout event. This property of the luminosity
evolution can be seen in simulations of such events (Grassberg
et al. 1971; Falk & Arnett 1977; Chugai et al. 2004; Moriya et al.
2010). The rise to maximum light can have complications due to
variations in the gas opacity. At the high circumstellar densities
considered here, it is likely that the gas is initially neutral and
that most of the opacity is due to dust in the presupernova
environment. The radiation-dominated shock wave from the
supernova has a precursor in the mass-loss region that is
expected to heat the circumstellar dust. As the temperature rises
through 1000–2000 K, the dust evaporates, giving a decrease
in the opacity and the photospheric radius drops to where there
is a sharp gradient in the opacity as the gas becomes ionized.
In Type IIP supernovae, this property of the opacity causes a
recombination wave to back into the expanding envelope with a
constant photospheric temperature T ∼ 5000–6000 K. Here, the
process is inverted and the photosphere is expected to follow the
ionization wave moving out through the dense circumstellar gas.
This phase of approximately constant temperature can be seen in
simulations (Grassberg et al. 1971). Once the circumstellar mass
is ionized, the photospheric expansion slows and the temperature
rises. The light curve rises fairly sharply due to the temperature

rise until the maximum temperature, and luminosity, is reached.
We now consider the case that Rw < Rd . The shock breakout

process begins at tb ≈ Rw/vsh. The rise time for the light curve is
tr ≈ δR/vsh, where δR is the distance in from Rw across which
the diffusion time equals the shock crossing time. We thus have
(δR)2κDR−2

w /c = δR/vsh, leading to tr ≈ (Rw/vsh)(Rw/Rd ).
In this case, the rise time can be considerably shorter than the
time for initial heating of the envelope (Figure 1(b)). Since
δR/Rw < 1, the region involved in shock breakout is not
radially extended, so the pressure of the escaping radiation can
accelerate the gas out to Rw (Ensman 1994). High gas velocities
are expected around the time of maximum luminosity. A dense
shell forms when the radiation can escape, but does not produce
continuing high luminosity because the dense gas does not
extend far beyond the breakout point and it has been radiatively
accelerated.

For our specific supernova model, the shock breakout be-
gins when the forward shock (Rfs) reaches Rw, which oc-
curs at tw = 16R1.25

w15E
−0.5
51 M0.25

e1 D0.25
∗ days, where Rw15 is Rw

in units of 1015 cm. The free expansion velocity at the re-
verse shock is v0 = 5.7 × 103R−0.25

w15 E0.5
51 M−0.25

e1 D−0.25
∗ km s−1,

which leads to a radiated energy of Erad = 0.65 × 1050R0.5
w15

E51M
−0.5
e1 D0.5

∗ erg. The rise time for the light curve is tr =
twRw/Rd = 41k−0.8R2.25

w15E
−0.9
51 M0.45

e1 D−0.35
∗ days, so that L ≈

Erad/tr = 1.8 × 1043k0.8R−1.75
w15 E1.9

51 M−0.95
e1 D0.85

∗ erg s−1. The
temperature in the shocked shell is like that given in the first
part of Equation (7) except that td is replaced by tw. The temper-
ature is lowered in the escape out to the photosphere if there is
sufficient photon production in this region (Nakar & Sari 2010).

3. COMPARISON WITH OBSERVATIONS

The radiated energy from SN 2006gy from the initial optical
rise to around the peak is ∼1 × 1051 erg (Ofek et al. 2007;
Smith et al. 2007), which makes it a good candidate for the
physical situation described here (with wind optical depth
τw > c/vsh). In this case, the observed rise time gives an
estimate of td, the diffusion time. The observations indicate
a rise time of 60 days. Using Equation (1), the indicated
wind density is D∗ ≈ 10. The observed peak luminosity has
sensitivity to the supernova energy. At maximum light, the
observed luminosity was 4 × 1044 erg s−1 (Smith et al. 2010),

3

CSM mass:
Mcs ~ (4pR2/3sT)mPtT
Dissipation energy:
Erad~(1/2)McsV2

ex. SN 2009ip
trise=10 d, R=0.5x1015 cm
→ Mcs~0.05 Msun
→ Erad ~ 2x1049 erg 

photon diffusion time
tdiff ~ R2/krad ~nsTR2/c

shock breakout: 
trise=tdiff=tdyn⇔ tT=1/b=c/V

dynamical time: 
tdyn ~ R/bc, b=V/c

Chevalier & Irwin 11 ApJL
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Neutrinos from Type IIn SNe

• If CRs carry ~10% of Eej → # of µs ~a few for SN@10Mpc
• Stacking analyses for nearby SNe (~O(100) needed)

Dt=107 s

Dt=107.8 s

Model B
- optically thin collision

Model A
- optically thick collision

KM, Thompson, Lacki & Beacom 11 PRD

Atm. nµ
within 1°

d=10Mpc



• GeV g rays can be seen by Fermi up to ~30 Mpc
• TeV g rays are detectable by CTA up to ~30-100 Mpc

Gamma Rays from Type IIn SNe

KM, Thompson, Lacki & Beacom 11 PRD

Model B
- optically thin collision

Model A
- optically thick collision

Fermi (t=106.5 s)

Fermi (t=107.5 s)

CTA (100 hr)

d=10Mpc

photon diffusion time is comparable to the shell expansion
time, where

t!!D " ð!RshÞ2
2c

nsh"T % 107 s n!1
sh;11V

!2
f;3:5 (9)

(which is consistent with the observation, Eph % 1051 erg
and Lph % 1044 erg s!1). For the neutrino search by
IceCube-like detectors, we have to set a time window !t,
which is relevant to estimate the ANB. In Model A, it
would be appropriate to use !t ¼ 107 s, since the duration
of the SN thermal emission is t!!D % tf % 107 s, where
the muon yield from SN-CSM neutrinos for IceCube is
N#;>4 TeV % 2. In an optically thin case like Model B, the
SN emission time is order of

ts ’ 5:0' 107 sRsh;16:5V
!1
s;3:8 (10)

(which is consistent with Eph % 1050 erg and Lph %
1042:5 erg s!1), and we obtain N#;>20 TeV % 1 for the FS
(N#;>50 TeV % 0:2 for the RS) for this time window. For up-
going neutrino sources, attenuation in Earth should be
considered, but will be modest at a wide range of zenith
angles for the most important energies [31].

The rate of SNe with dense and massive CSM is un-
certain, but a few % of all SNe may be such systems
[16,18,20], so that their rate within 20 Mpc is the order
of %0:1 yr!1. Note that the cumulative background muon
neutrino flux, E2

$"$ % 2:7' 10!9 GeV cm!2 s!1 sr!1,
though comparable to that from GRBs [3,4], is less than
the ANB up to E$ % 300 TeV, so that we focus on detec-
tions of individual nearby explosions.

Gamma rays—Neutral pions lead to gamma rays that are
interesting targets for Fermi and future Cherenkov tele-
scopes such as Cherenkov Telescope Array (CTA), where

one has to consider their interactions inside and outside the
source. At relevant energies, there will be attenuation on
matter (Bethe-Heitler pair-creation) and radiation (!!
pair-creation) in the source. They are also attenuated by
the extragalactic background light (EBL).
In Fig. 2, the attenuated pionic gamma-ray fluxes

are shown, taking into account gamma-ray attenuation
numerically. For demonstrative purposes, the nonattenu-
ated flux in Model A is also shown. Here, for simplicity,
we employ % expð!%!! ! %BHÞ for the screen region and
%1=ð1þ %!! þ %BHÞ for the emission region. For ex-
ample, the Bethe-Heitler and !! pair-creation depths in
the CSM shell are estimated to be %shBH ’ 3:2nsh;11!Rsh;15:5

at %GeV and %sh!! ’ 3000T3
!;0!Rsh;15:5 at %260 GeVT!1

!;0,

respectively. (Note that the photomeson and photodisinte-
gration processes can also happen at sufficiently high en-
ergies. When %T is sufficiently small, low-frequency
synchrotron far-infrared emission may also increase the
attenuation far above a TeV). Outside the source, the
EBL attenuation is significant only at * 100 TeV for
d% 10 Mpc.
In Model A, the Bethe-Heitler and !! attenuation would

make it difficult to detect %GeV and %TeV gamma rays,
respectively, although the attenuated flux just represents
the relatively conservative case (see below). Also, though
we show the differential sensitivities of Fermi and CTA,
the integrated sensitivities over several energy bins are
much better, which would help detection of the signal. In
Model B, %shBH ) 1 and the !! attenuation is negligible at
& TeV, so that gamma rays seem detectable by Fermi for
d & 20–30 Mpc, which motivates searches for %0:1–1 yr
transients via multiyear Fermi observations. With coordi-
nated follow-up searches, %0:1–1 TeV gamma rays may
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FIG. 2 (color online). Energy fluxes of pionic gamma rays,
corresponding to Fig. 1. Gamma-ray attenuation inside and
outside the source is included; the double-dotted curve shows
the intrinsic spectrum without attenuation in Model A. Left dot-
dashed curves show Fermi/LAT differential sensitivities at t ¼
106:5 s (% tr in Model A) and t ¼ 107:5 s (% tr in Model B). The
100 hr differential sensitivity of CTA is also overlaid (right).
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FIG. 1 (color online). Energy fluences of muon neutrinos from
a SN crashing into dense CSM, where "B ¼ 10!2:5, &cr ¼ 0:1,
and d ¼ 10 Mpc are assumed. Thick and thin curves represent
Model A and Model B, respectively, (see text). The dotted-
dashed curves show the zenith-angle-averaged ANB within a
circle of radius 1* [39]; we use !t ¼ 107 s for Model A (thick
line) and !t ¼ 107:8 s for Model B (thin line).
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